We present the first detailed study of the Electron Capture Supernova Channel (ECSN Channel) for a primary star in a close binary star system. Progenitors of ECSN occupy the lower end of the mass spectrum of supernovae progenitors and are thought to form the transition between white dwarfs progenitors and core collapse progenitors . The mass range for ECSN from close binary systems is thought to be wider than the range for single stars, because of the effects of mass transfer on the helium core. Using the MESA stellar evolution code we explored the parameter space of initial primary masses between 8 M and 17 M , using a large grid of models . We find that the initial primary mass and the mass transfer evolution are important factors in the final fate of stars in this mass range. Mass transfer due to Roche Lobe overflow during and after carbon burning causes the core to cool down so that it avoids neon ignition, even in helium-free cores with masses up to 1.52 M , which in single stars would ignite neon. If the core is able to contract to high enough densities for electron captures to commence, we find that, for the adopted Ledoux convection criterion, the initial mass range for the primary to evolve into an ECSN is between 13.5 M and 17.6 M . The mass ratio, initial period, and mass loss efficiency only marginally affect the predicted ranges.
INTRODUCTION
Two types of supernova explosions are thought to be responsible for the creation of neutron stars (NS) in the universe. While the majority of these explosions are the result of a collapsing iron core after fuel exhaustion (a so-called a core collapse supernova, CCSN, cf. Woosley et al. 2002; Heger et al. 2003; Langer 2012) , a fraction of supernova progenitors most likely collapses as a result of the loss of pressure support due to electron captures on 24 Mg and 20 Ne (Nomoto 1984) . These so-called electron capture supernovae (ECSN) are thought to occupy the lower end of the mass spectrum of supernova progenitors. ECSN thus form the transition between massive oxygen-neon (ONe) white dwarfs (WD) and supernovae. As the majority of massive stars are observed to be part of a binary system which could impact its evolution (Kobulnicky & Fryer 2007; Sana et al. 2012 Sana et al. , 2013 Duchêne & Kraus 2013; Kobulnicky et al. 2014; Almeida et al. 2017) , not only the observational properties of these stars will be very different from single stars , their final properties could also affect our understanding of the formation and evolution of NS+NS mergers which could be observed by the aLIGO/VIRGO network (Abbott et al. 2016; Côté et al. 2017) .
For single stars, the transition region between WD and CCSN, has been explored quite thoroughly. Pioneering work was done in the eighties by Miyaji et al. (1980) ; Nomoto (1984 Nomoto ( , 1987 ; Miyaji & Nomoto (1987) , followed by further work in the late nineties (Garcia-Berro & Iben 1994; Ritossa et al. 1996; Garcia-Berro et al. 1997; Iben et al. 1997; Ritossa et al. 1999) , and a final wave during the last ten years, some extending their models to lower metallicities (Siess 2006 (Siess , 2007 (Siess , 2010 Poelarends et al. 2008; Takahashi et al. 2013; Jones et al. 2013 Jones et al. , 2014 Doherty et al. 2010 Doherty et al. , 2014a Doherty et al. ,b, 2015 . The initial mass range, for which ECSN could occur in single stars, was initially predicted between 8 M and 10 M , based on the mass of the helium core (Nomoto 1984 (Nomoto , 1987 . This was later refined, for solar metallicity stars, to a much narrower range, especially due to a better understanding of the effect of the second dredge-up which reduces the helium cores of stars in the relevant mass range down to below the Chandrasekhar mass (Poelarends et al. 2008) . Uncertainties in mass loss rates during the final phase of the evolution of stars in this mass range, combined with a lack of general consensus regarding the treatment of arXiv:1710.11143v1 [astro-ph.HE] 30 Oct 2017 chemical mixing and convection in these stars, however, make that several estimates of the initial ECSN mass range now exist, ranging from 7 − 9 M (Woosley & Heger 2015) , 9 − 9.25 M (Poelarends et al. 2008 ) to 9.5 − 11 M (Siess 2006; Doherty et al. 2010; Takahashi et al. 2013) . Fundamentally, however, the final fate of a star in this mass range is determined by a race between core growth and mass loss. If heating due to core growth is able to offset cooling due to neutrino losses the core will contract at a roughly constant temperature until a critical density is reached where electron captures can provide additional heating which will start O+Ne deflagration in the very center, leading to an explosion (Takahashi et al. 2013) . However, if the star experiences a strong stellar wind at the end of its life (not unlikely for stars on the Asymptotic Giant Branch), it is possible that the entire envelop might be removed before the conditions necessary for electron captures are reached. In this scenario, the final fate would be a massive ONe WD (Poelarends et al. 2008) .
The ECSN mass range, however, is expected to be different in close binary systems as the primary could potentially lose a significant fraction of its mass as a result of Roche lobe overflow (hereafter RLOF, cf. Wellstein et al. 2001; Langer 2012; de Mink et al. 2013) . Podsiadlowski et al. (2004) speculated that ECSN could occur for primary masses between 8 M and 17 M . They argued that systems that start mass transfer during core hydrogen burning (Case A) would give rise to much smaller helium cores, pushing the limit for ECSN toward higher initial masses. Systems that start mass transfer during or after hydrogen shell burning (Case B) would avoid the reduction of the helium core by the second dredge-up and could potentially form a bigger helium core, thus expanding the range also to lower initial masses.
Attention has recently turned to stripped-envelope stars in close binaries as possible progenitors of ECSN (Tauris et al. 2013 (Tauris et al. , 2015 Moriya & Eldridge 2016) . Motivated by recent discoveries of weak and fast optical transients, ECSN from close binaries have been suggested as a possible origin, due to the fact that through binary interactions, ECSN progenitors can lose most or all of their hydrogen envelope. Tauris et al. (2013 Tauris et al. ( , 2015 showed that a helium star companion to a neutron star may experience mass transfer and evolve into a ONe core with a mass of ∼ 1.5 M which in certain binary configurations may lead to an ECSN. Moriya & Eldridge (2016) explore the possibility of ECSN from mergers and the effects of common envelope evolution. They show that binaries with short orbital periods and fairly high mass ratios are able to experience a common envelope (CE) phase and a subsequent merger, after which the product of the merger is able evolve into an ECSN with a small amount of ejecta due to the significant mass loss during the CE phase and merger.
In this paper we explore the parameter space established by Podsiadlowski et al. (2004) , primarily defined by primary masses between 8 M and 17 M , to more accurately determine whether ECSN from close binary systems are indeed a possibility and which mass range they would occupy. The predictions of Podsiadlowski et al. (2004) , however, were based on the helium core criterion as defined by Nomoto (1984 Nomoto ( , 1987 . The validity of this criterion for binary systems, however, can be questioned as it is based upon the mass of the undisturbed helium core, and does not account for the effects of mass transfer. In addition, the mass range for single stars has been narrowed down a bit in subsequent studies, leading to the question whether the 8 − 17 M mass range for ECSN in close binaries, as estimated by Podsiadlowski et al. (2004) , is still accurate. To investigate this, we created a large grid of models, covering most of the mass range suggested by Podsiadlowski et al. (2004) .
In Section 2 we discuss our stellar evolution code, the input physics we employ, and the details of the grid. In Section 3 we present several representative systems and discuss the main impacts on the evolution of such systems. Section 4 investigates the role of mass loss due to Roche Lobe overflow, and the effects it has on the evolution of the core. In Section 5 we explore various pathways for ECSN in binaries, based on detailed models of the final evolution of the carbon core. In Section 7 we present updated values for the ECSN mass range in close binary systems. In Section 8 we consider the question how probable ECSN from close binaries are, and what the expected mass range for ECSN would be, and we compare our results with previous work on this topic.
Appendix A discusses the effects on our main results of different treatments of convective boundaries, and App. B discusses the robustness of our results through a resolution study.
METHODS AND GRIDS

Stellar Evolution Code
We used the MESA stellar evolution code (Paxton et al. 2011 (revision 8118) to model the evolution of a dense grid of binary stellar evolution models. Nuclear reactions were followed using the sufficiently detailed networks provided with MESA, i.e. basic.net for hydrogen and helium fusion, co burn.net for carbon and oxygen fusion, and approx21.net for later phases. Opacities were calculated using tables from the OPAL project Grevesse & Noels (1993) , with the initial metallicity set to z = 0.02 and metal fractions set according to Grevesse & Sauval (1998) . Convection was treated according to standard mixing-length theory (Böhm-Vitense 1958) with a mixing-length parameter α = 1.5 using the Ledoux criterion to determine the location of convective boundaries. To maintain some degree of consistency with Wellstein et al. 2001 , no additional mixing due to overshooting was incorporated in the models, and semi-convective mixing was modeled according to Langer et al. (1985) with α sm = 0.01. This choice, particularly to leave out any effects of overshooting, does have implications for the growth of the core and the removal of the envelope, and will potentially affect our final ECSN mass ranges. It has been well established (Maeder 1976; Siess 2007; Paxton et al. 2013 ) that using the Schwarzschild criterion for determining convective boundaries produces larger helium cores, especially when one includes a certain amount of overshooting. This will shift the ECSN mass range to lower initial primary masses. Overshooting also changes the response of the star to mass accretion and its ability to adjust its thermal structure, possibly leading to the secondary filling its Roche lobe at a different time, affecting the formation of contact in overshooting grids. We plan to perform a more comprehensive parameter study on the effects of convection criteria and overshooting in the future, but we have included a brief investigation into the effects of more effecient semi-convection, and the effects of overshooting in the context of the Schwarzschild criterion in Appendix A.
We modeled stellar winds according to the standard implementation in MESA (cool winds & hot winds), following Reimers (1975) for stars with surface temperatures below 10, 000 K, and Kudritzki et al. (1987) for stars with surface temperatures above that. Mass transfer through Roche lobe overflow is calculated according to Ritter (1988) through the implicit scheme described in Paxton et al. (2015) . MESA has the capability to handle accretion onto a critically rotating star, by either keeping the star at a set rotation rate (e.g. 98% of critical rotation) and rejecting additional accreted matter (cf. Paxton et al. 2015; Marchant et al. 2016) or by employing a scheme to enhance the mass loss at critical rotation (cf. Heger et al. 2000) . However, as we aimed to test the sensitivity of our binary models to the mass transfer efficiency, we chose to set the mass transfer efficiency through Roche lobe overflow to fixed values.
To avoid super-critical rotation of the secondary, we only follow the spin angular momentum of the primary; hence, we put the initial surface velocities at 100 km s −1 and 0 km s −1 for the donor and the accretor, respectively. We model the tidal interactions on the primary as described in Paxton et al. (2015) with the synchronization timescale for convective envelopes calculated according to Hurley et al. (2002) . While there are varying definitions of the mass transfer efficiency in the literature, in this study we use the definition β =Ṁ lost /Ṁ RLOF , the fraction of RLOF transferred mass that is lost from the system, i.e. the transferred mass that is not accreted onto the accretor (Tauris & van den Heuvel 2006) . Mass leaves the system with the specific orbital angular momentum of the accreting star, while (1 − β) is accepted by the accretor. In our grid we use β values of 0.0 (conservative, no mass lost from the system), 0.25, 0.50 and 0.75 (75% of the mass leaves the system).
Description of the Grid
To cover the full range of possible mass transfer scenarios in binaries, we calculated a dense grid of models with initial primary masses between 8.0 M and 14.5 M spaced by 0.25 M , mass ratios (q = M 2 /M 1 ) between 0.6 and 0.9 with a spacing of 0.1 and initial periods between 13 and 35 days with an interval of 1 day. A second, denser, grid was calculated with initial primary masses between 13.3 and 15.0 M with a spacing of 0.1 M , mass ratios between 0.65 and 0.95 with a spacing of 0.05, and initial periods between 3 and 12 days with a interval of 1 day (0.5 days below 4.0).
Binary systems in in our grid generally undergo Case A or Case B mass transfer, with the primary losing a significant fraction of its mass before carbon burning commences. As we will discuss below, short period and long period systems (early Case A and Case B) and systems with extreme mass ratios are more prone to develop a contact system (cf. Wellstein et al. 2001) . Once systems enter into contact, we don't follow their evolution further and ignore them in our analysis. Since presently MESA does not offer robust methods to compute common envelope evolution and/or mergers, it is unpractical to include these evolutionary paths in a parameter exploration study requiring large numbers of models. Therefore, we did not investigate models with initial periods below 3 days as in Moriya & Eldridge (2016) . To avoid unnecessary computations in the late phases of the evolution we terminated the models at either neon ignition (which is for primaries in this mass range below log(ρ c ) = 8.25 g cm −3 , see Fig. 7 ) or at log(ρ c ) > 8.5 g cm −3 , whichever comes first. To establish the final evolution of stars that did not ignite neon, we computed several models beyond log(ρ c ) > 8.5 g cm −3 and results of these models will be discussed in Sec. 5.
Relevant Definitions for ECSN
We assume that stars with carbon-oxygen core masses (hereafter M CO ) below 1.37 M will not develop conditions conducive for electron captures on neon and magnesium (Jones et al. 2013; Takahashi et al. 2013) , and that stars that develop neon burning (either central, or for this mass range more likely, off-center) will end their lives as a CCSN (e.g. Jones et al. 2013; Woosley & Heger 2015) . A recent study by Tauris et al. (2015) indeed found that helium stars in close binaries with M CO in the 1.37−1.43 M mass range exploded as ECSN. While the threshold for neon burning in single stars is found at approximately M CO = 1.42 M (e.g. Jones et al. 2013; Woosley & Heger 2015) , this is not necessarily the case for primaries in close binaries. As noted by Tauris et al. (2015) , in addition to a core mass in a critical range, the core also needs to have a sufficiently high temperature for the onset of neon burning.
For stars that develop CO cores with M CO above 1.37 M but do not ignite neon, we employ a method similar to the one first pioneered by Nomoto (1984) to determine the final fate based on the mass the core. However, since stars in our mass range undergo significant mass transfer through RLOF, which may affect the mass of the helium core (Wellstein & Langer 1999) , we instead use the mass of the CO core instead of the helium core to determine the final fate of these stars. Throughout this paper we use the following definitions for the various core masses. A helium core boundary is defined at the outermost location where the hydrogen mass fraction is below 0.01 (i.e. a hydrogen free core). Similar definitions are used for the CO core (outermost mass location where the helium mass fraction is below 0.01), and the ONe core (outermost mass location where the carbon mass fraction is below 0.01).
In section 4 we analyze the conditions in stars that do not develop neon ignition. To determine whether conditions at a certain location are conducive for neon burning we calculated for a composition of 50% neon and 50% oxygen the neon burning energy generation and neutrino loss rate for densities and temperatures representative for our cores. The energy generation rate for neon burning was taken from Woosley et al. (2002) and the neutrino loss rate from Itoh et al. (1996) , through Fortran routines provided by F.X. Timmes, available at http:// cococubed.asu.edu/code_pages/nuloss.shtml. This allows us to infer, in terms of density and temperature, whether the conditions for dominant neon burning are met or not.
REPRESENTATIVE SYSTEMS: CASE A AND B
Before we discuss the details of our grid, we first consider a sample of representative binary evolution systems that illustrate the variety of outcomes that systems in this parameter range can experience. Every system is calculated with four different values of β from β = 0 to β = 0.75. As argued by Packet (1981) , a little amount of matter can spin up the accretor to critical rotation, and it is assumed that the star can not accrete any more matter. However, it is still unclear how the star regulates exactly how much it accretes (cf. Wellstein et al. 2001; de Mink et al. 2013) , and there is evidence for both close-to-conservative systems and for systems with close-to-non-conservative evolution (de Mink et al. 2007 ). Therefore, we take β = 0.5 as our reference case and discuss higher and lower mass transfer efficiencies for each case. This choice of β might be too high still, unless a disk is able to mediate the simultaneous accretion of matter and loss of angular momentum from the star through viscous stresses (cf. Paczyński 1991; Deschamps et al. 2013 ).
Case A Evolution
Systems where mass transfer starts during the core hydrogen burning phase of the donor are defined to be undergoing case A evolution. To start mass transfer during the core hydrogen burning stage of the primary star the system needs to have an orbital period below 3 days, although this is somewhat dependent on the initial mass and mass ratio (c.f. Wellstein et al. 2001) . Many systems in our grid with Case A mass transfer lead to contact and could produce an ECSN through the merger scenario seen in Fig. 1a ,b of Moriya & Eldridge (2016) , or avoid evolution into an ECSN altogether. However, systems with periods of approximately 3−3.5 days, avoid contact and are able to produce a well developed CO core in the mass range for ECSN to occur.
We show the evolution of a representative system of this class on the Hertzsprung-Russell diagram in Fig. 1 , its mass loss history in Fig. 2 and the evolution of its internal structure on the Kippenhahn diagram in Fig. 3 . This particular system has an initial primary mass of 15.7 M , a secondary mass of 12.56 M (corresponding to q = 0.8), an initial orbital period of 3 days and is evolved with β = 0.5. The primary reaches its Roche lobe after 0.94 × 10 7 years (see Fig 1, 3) when the helium mass fraction in the core is 0.89. This initiates mass transfer through RLOF. As seen in Fig. 2 , this initially takes place at a fairly high rate (thermal time scale) as the donor adjusts to the decreasing orbital separation. This is the so-called rapid Case A mass transfer phase (Pols 1994; Wellstein et al. 2001) , during which the primary loses about 9 M . After the mass ratio reverses, the mass transfer slows down to values around ∼ 10 −6 M yr −1 , driven by the nuclear evolution of the star.
During this phase the star loses another 0.4 M , and finishes this first mass transfer phase with a total mass of 6.23 M , and a helium core mass of 1.75 M . The ignition of the hydrogen burning shell causes the star to expand, attempting to grow to red giant dimensions, which starts the second mass transfer phase, the so- thermal timescale of the star. During this phase mass transfer rates are of the order of 3 × 10 −5 M yr −1 , and the star loses an additional 3 M so that the total mass left is 3.24 M (which, in this system, corresponds to the mass of the convective hydrogen core at the time Case A mass transfer started, see Fig. 3 ). At this time the helium core measures 2.13 M , which through subsequent hydrogen shell burning grows to 3.08 M . Once Case AB mass transfer finishes, the star is able to adjust its structure and thereby its radius to recover hydrostatic equilibrium. As a result, the radius of the star decreases, the temperature increases , and the star moves to the left side of the Hertzsprung Russell diagram, becoming a hot and compact helium star (see Fig 1) . The star finishes helium core burning at 1.172 × 10 7 yr and subsequent core compression ignites helium shell burning, which expands the star again to red giant dimension, starting another mass transfer episode (Case ABB). By the time that convective carbon burning starts in the core, a CO core of 1.29 M has formed. Throughout the carbon burning phase (various carbon flashes), which lasts from 1.192×10 7 yr till 1.194×10 7 yr (about 20, 000 yrs), the star forms a core composed of neon and oxygen. Another episode of mass transfer starts during the final carbon flashes (the third panel in Fig. 2 , also marked in Fig. 3 ) which erodes the final bit of the remaining hydrogen layer and cancels hydrogen burning.
By the end of carbon burning the ONe core has a mass of 1.19 M while the CO core has a mass of 1.34 M . During the last carbon shell flash a convective shell forms on top of the helium burning shell, which slowly diminishes the helium burning intensity. This also slows down the growth of the CO core, which is able to grow to a mass of 1.40 M by the end of the model run. Significant mass loss develops at the very end of the model run and causes instabilities that terminate the model (see also Section 5). During the evolution of the primary, the secondary has grown by ∼ 6 M to a total mass of 18.58 M . Although it is now much more massive than the primary, it is still a main sequence star (hydrogen mass fraction of 0.03) due to the accretion of large amounts of fresh hydrogen, causing the star to re- Case AB 1.1939 1.1940 Case ABB Case C Time (Myr) Figure 2 . Details of the mass transfer rate as a function of time for Case A system. Three distinct phases are visible. The left panel shows the mass transfer rate during core hydrogen burning. The middle panel shows the mass transfer rates during hydrogen shell burning. The last panel shows mass transfer rates during and after carbon burning, cf. Fig. 3 . The rise in mass transfer rate at the very end is a result of instabilities arising in the envelope and will be discussed in Sec. 5. As the later phases in the evolution take place on a much shorter timescale, the x-axis is plotted with a logarithmic scale.
juvenate (Hellings 1983; de Mink et al. 2014; Schneider et al. 2016) . If the primary is able explode and forms a neutron star, this system most likely evolves into an Be/X-ray binary. Systems with a different mass transfer efficiency display a similar behavior, although the orbit widens more rapidly for less conservative mass transfer, and less rapidly for more conservative mass transfer. This results in slightly larger final M CO for stars with β = 0.75 and slightly smaller final M CO for stars with β = 0.0 and 0.25, compared with our fiducial case of β = 0.5. Due to the different rates at which the orbit responds to mass transfer and loss for various values of β, the number and the intensity of RLOF episodes also shows some variation, but since mass transfer is primarily driven by changes in the thermal structure of the primary, in the end, similar final outcomes are found.
Case B Evolution
Stars that undergo their first mass transfer phase during hydrogen shell burning are considered Case B mass transfer systems. The removal of high-entropy layers of the envelope causes he star to shrink on a dynamical timescale, however, as the donor expands on the thermal timescale during the crossing of the Hertzsprung gap this leads to stable but high mass transfer rates of ∼ 10 −4 − 10 −3 M yr −1 , with a distinguishable fast and subsequent slower rate as the orbit initially shrinks and then widens again (c.f., Fig 4) . Differences in the timing of the start of mass transfer, due to different initial periods, lead to significant different evolutionary paths. Early Case B mass transfer will appreciably affect the formation of the helium core as the intensity of hydrogen shell burning is diminished as a result of the envelope responding to the high mass loss rates. Late Case B mass transfer will have less of an effect as the helium core has already been established by the time mass transfer starts. Variations in the value of β also cause notable differences. Systems that evolve conservatively or nearly conservatively, have a higher chance to develop contact, because of two associated effects. As less mass is lost from the system, the accretor gains mass faster, and hence fills its Roche lobe earlier, leading to more contact systems. This effect is stronger for systems with q << 1 as the initial Roche lobe of the accretor is much smaller than for systems with a mass ratio close to 1. However, in addition, initially wider systems, develop higher mass loss rates as they are further into the Hertzsprung gap (c.f. Wellstein et al. 2001; Pols 1994) which pushes the accretor further out of equilibrium. As the accretor is still a main sequence star and has a radiative envelope, mass accretion makes it swell considerably, leading to contact. On the other hand, systems that evolve more non-conservative than our fiducial model show more con-tact free evolution up to higher initial periods, because the accretor does not gain as much mass and accretes it at lower rates as most of the mass is leaving the system, making it less prone to swell up and reach its Roche lobe. Because the time of the beginning of Case B mass transfer has a strong influence on the subsequent evolution, we discuss three different Case B systems in order to establish a clear picture of Case B evolution. Fig. 4 shows the evolution of three Case B systems (an early, mid, and late Case B system). System 1 (top row), an early Case B system (M 1 = 14.0 M , M 2 = 11.2 M , P init = 4 days), started mass transfer promptly after the primary star finished core hydrogen burning and started crossing the Hertzsprung gap (t RLOF1 = 11.6998 Myr). Mass transfer rates of ∼ 10 −3 M yr −1 are seen for approximately 10, 000 yrs during which the orbit shrinks and the primary loses 9.8 M . After the mass ratio reverses and the orbit widens again as a response to the mass transfer, the star is able to adjust its thermal structure, and around 11.71 Myr a period of slower mass transfer commences (slow Case B, Paczyński 1971; Doom 1984 ) with rates of ∼ 3 × 10 −5 M yr −1 (Fig 4 , top right). The separation of the binary components increases from 31 R at the start of Roche lobe overflow to ∼ 100 R after the fast Case B phase, and 150 R (48 days) after the first mass transfer phase finishes (i.e. when helium ignited in the core). During hydrogen shell burning, the core of the star continues to contract until helium ignites in its core. This allows the star to readjust its thermal structure again, and the star shrinks in response to this, detaches from its Roche lobe, and experiences a pause in mass transfer. As a result, the star is able to evolve through core helium burning relatively unaffected. After helium core burning the primary has a mass of 3.3 M , with a helium core of 3.11 M and a CO core of 1.29 M . Continued contraction heats up the core and layers above, until the helium shell ignites. The envelope readjusted its thermal structure once again through expansion, fills its Roche lobe and restarts mass transfer through Roche lobe overflow during the subsequent core carbon burning phase (case BB, t RLOF2 = 13.0534 Myr). This phase only lasts for ∼ 20, 000 years at a rate of ∼ 5 × 10 −5 M yr −1 during which the star loses its residual hydrogen layer of 0.2 M . A final mass loss episode starts at t RLOF3 = 13.0688 Myr (Case BBC), which after ∼ 100 years leads to instabilities that terminate the model. At the end of its evolution the star has established an helium core of 3.12 M , a CO core of 1.40 M and an ONe core of 1.35 M . The final orbital separation of the system is ∼ 175 R .
The same system, evolved with different values of β gives fairly similar evolutionary outcomes, although with slightly less massive CO cores for more conservative evolution and slightly more massive CO cores for less conservative evolution. All systems avoid contact, due to their small initial orbital period, but the systems with more conservative mass transfer develop smaller CO cores as a result of a tighter system and hence prolonged mass transfer.
System 2 (Fig. 4 , middle row) is a binary system (M 1 = 14.0 M , M 2 = 11.2 M , P init = 15 days) that experiences the start of Roche lobe overflow in the middle of the Hertzsprung gap (t RLOF1 = 11.7210 Myr). As a result of the natural expansion of the star and the shrinking orbit, mass transfer rates quickly increase to values of ∼ 5 × 10 −3 M yr −1 during which 10.4 M is lost from the primary, leaving a donor with a mass of 3.6 M , a helium core of 3.18 M and a CO core of 1.31 M at the completion of core helium burning. Due to adjustments to the thermal structure of the star during the contraction of the CO core, mass loss increases again during the carbon burning phase (Fig. 5 , middle row, Case BB, t RLOF2 = 13.0237 Myr), but now at relatively low rates of ∼ 7 × 10 −5 M yr −1 . This moderate mass loss removed almost the entire residual hydrogen envelope, and leaves a star with mass of 3.23 M , a He core of 3.22 M , a CO core of 1.42 M and a ONe core of 1.38 M . A third, case BBC, mass transfer phase, starts at t RLOF3 = 13.0345 Myr, but only removes 0.01 M before it terminates due to instabilities that develop in the envelope. During the fast Case B mass transfer period, the orbit increased from 75 R (initial) to 345 R , which increases during subsequent mass loss episodes to 370 R . While the initial period of this system was quite a lot larger than system 1, the evolution of system 2 proceeded very similar to that of system 1. While system 1 starts mass transfer earlier, system 2 reaches higher mass transfer rates due to its higher mass and shorter Kelvin-Helmholz timescale. Both mass loss episodes terminate when helium ignites in the core (roughly about the same time, t = 1.1742 × 10 7 yr, see Fig. 4 ), and consequently the amount of mass transferred during the first mass transfer phase is about equal (∼ 10 M ).
Evolving this system with different values of β shows that the most conservative scenarios (β = 0, 0.25) lead to contact during RLOF, while the systems with β = 0.5, 0.75 are able to avoid contact. This is the result of a faster growing, and thus quicker swelling accretor in the case of conservative mass transfer, while systems with largely non-conservative evolution don't accrete as much matter onto the secondary, avoiding an expansion of their radius beyond their Roche lobe and hence contact all together.
System 3 (Fig. 4 , bottom row) shows the evolution of a binary system (M 1 = 14.0 M , M 2 = 11.2 M , P init = 25 days) that experiences the start of Roche lobe overflow late in the Hertzsprung gap (t RLOF1 = 11.7250 Myr). As the primary expands beyond its Roche lobe, mass transfer rates quickly ramp up to values of 7.7 × 10 −3 M yr −1 . Although the orbital separation increases, and thus the size of both Roche lobes, the secondary quickly fills its Roche lobe due to the large amount of accreted matter, leading to a contact system after only 4500 yrs (cf. de Mink et al. 2008b; Langer 2012; de Mink et al. 2013) .
When evolved with different values of β, only the β = 0.75 is able to avoid contact, as the lower mass accretion rates and faster growing orbit allow the accretor to respond more efficiently to mass accretion, leading to less swelling and avoiding contact.
THE EFFECTS OF MASS LOSS ON THE EVOLUTION OF THE PRIMARY
In order to explode as an ECSN several ingredients need to be in place. Nomoto (1984) argued that stars with helium cores between 2.0 and 2.5 M (which corresponds to roughly to initial masses between 8 and 10 M ) would explode as an ECSN. His models, however, did not develop a second dredge-up which can significantly reduce the mass of the helium core and diminishes the predictive power of this criterion (cf. Podsiadlowski et al. 2004; Poelarends et al. 2008) . Since then, several authors (Siess 2007; Poelarends et al. 2008; Jones et al. 2013; Doherty et al. 2010 Doherty et al. , 2015 have established precise initial mass ranges for ECSN to occur, although these mass ranges are highly sensitive to the adopted convection criteria, overshooting and mass loss prescriptions (Poelarends et al. 2008; Doherty et al. 2010; Langer 2012) . Jones et al. (2013) produced several detailed models, computed all the way to electron captures on 24 Mg and 20 Ne, and found that CO cores with masses over 1.35 M are able to reach densities high enough for this to occur (log ρ ≈ 9.6 g cm −3 ). If the CO core is massive enough, neon will ignite off center (Jones et al. 2013; Schwab et al. 2016 ), but Jones et al. (2014) also found that the upper boundary for ECSN is affected by uncertainties regarding the progression or stalling of the neon flame. There seems to be consensus, however, that the mass of the CO core is a reliable indicator for the final fate of stars in this mass range. How this translates into the initial mass of the star, depends on the adopted convection criterion, with the Schwarzschild criterion producing more massive cores than the Ledoux criterion for the same initial mass. Inclusion of overshooting will also lead to larger cores (cf. Siess 2007) . However, although the initial mass range for ECSN is therefore quite sensitive to the adopted convection criteria, this does not seem to be the case for the final M CO as most authors find similar values for M CO at which neon ignites, even though they treat convection differently. In the context of binary evolution, this provides an additional reason to adopt M CO as indicator for whether the star explodes as an ECSN or not, as the CO core is generally not eroded by mass transfer, in contrast to the He core.
The question, however, is whether the range in M CO for ECSN in binaries is identical to the established M CO range for ECSN in single stars. Our models indicate that this might not necessarily be the case.
Whereas CO cores with a mass of ∼ 1.42 M in single stars would ignite neon in their cores (cf. Nomoto 1984 Nomoto , 1987 Jones et al. 2013 ) our models do not show neon ignition due to a slightly lower central temperature . This rather different behavior is a direct result of the binary interaction, and thus unique to binary systems. We have identified, and will describe below, two processes that are responsible for that. Compared to single stars, significant mass loss before the establishment of the CO core will create Figure 6 . Evolution of the central density versus central temperature. Shown in blue is our Case A model which undergoes mass transfer once the core temperature reaches log T /K = 7.6. Shown in green is a single star model of the same initial mass (15.7 M ). As shown in the inset, the star that undergoes mass transfer develops a core that is cooler and more compact (higher density) compared to a single star of the same initial mass. The single star eventually develops off center neon burning and a CO core with a mass of 1.63 M , while the star in the binary avoids neon burning and develops a CO core of 1.40 M .
a smaller CO core and lead to a consistently lower temperature for the rest of its life. In addition, mass loss during and after carbon burning will cause the primary star to cool down faster compared to its single star counterpart even if the core mass is the same.
Mass Loss During Hydrogen or Helium Burning
Significant mass transfer due to RLOF anytime before the establishment of the CO core will affect the subsequent formation of the CO core. In Fig. 6 we show the evolution of the core in the ρ c -T c plane for the Case A system which we discussed in Sec. 3.1. The evolution for a single star, which is not affected by mass transfer, is shown as a comparison. As a response to the high mass loss rates and to compensate for the loss of 9 M of matter during the fast Case A phase, the core of the primary tries to restore hydrostatic equilibrium by contracting to higher densities. This results in a convective core which is 1 M smaller than an undisturbed core (see Fig. 3 ). A new equilibrium is found at a central temperature which is 2.6 million Kelvin lower than the central temperature before mass loss.
As a result, stars that undergo Case A mass transfer form smaller convective cores than their single star counterparts, which results in the formation of smaller CO cores after He burning.
Case B systems do not show the notable decrease in central temperature upon the start of mass transfer, as the hydrogen burning shell acts as a barrier between the exterior and the interior. As the core is contracting and heating up to allow for the start of He burning, the hydrogen shell is supporting the entire envelope independently of the core. However, as the envelope is quickly being reduced in mass, the outward progression of the hydrogen shell is limited by whatever is left over of the envelope, and hence not able to proceed as far outward as in cores not affected by RLOF (cf. Fig. 5) .
The net effect of mass transfer before the establishment of the CO core is that the resulting CO cores are smaller and cooler than those of single stars.
Mass Loss After Core Carbon Burning
After central carbon burning, in the absence of a heat source, the core contracts again to maintain hydrostatic equilibrium. Due to this contraction at high central densities, thermal neutrino losses increase and degeneracy sets in, resulting in a degenerate core which is governed by the balance between heating due to contraction and cooling due to neutrino losses (Paczyński 1971; Nomoto 1984; Brooks et al. 2016) . In single stars, hydrogen and helium shell burning would cause the core to grow, and cooling as a result of neutrino losses would be offset by additional heating as a result of accretion due to core growth. Even though a strong stellar wind, driven by helium shell flashes, can develop in the final phases of the lives of single stars, the center of these stars is able to maintain a more or less constant temperature, while contracting to densities conducive for electron captures to start. However, all of our models experience significant mass transfer due to RLOF during the carbon shell flash phase (with rates up to, and sometimes exceeding, M > 10 −3 M yr −1 ). This pushes the star out of thermal equilibrium, leading to additional cooling in the core as a result of an endothermic expansion to make up for lost envelope matter (an effect similar to what has been found by Tauris et al. 2015; Schwab et al. 2016) . Fig. 7 shows the effect of high mass loss rates this late in the evolution of the star on the central temperature. The top row shows the central and conditions at T max for a single star -not affected by mass transferwith mass of 12.48 M , which has developed a CO core with a mass of 1.33 M . After central carbon burning, the ONe core contracts to higher densities. Due to the weak temperature dependence of the electron degenerate pressure and the strong sensitivity of the plasmaneutrino emission rate to the temperature and density, a temperature inversion will develop in the ONe core (Nomoto 1984) . Because of high density, the center of the star experiences strong neutrino cooling, while the layers further outward experience less cooling or even some heating due to their proximity to the carbon and helium shell sources. Eventually the location of T max can 5.5 6.0 6.5 7.0 7.5 8.0 8.5 log ρ c / g cm be found somewhere between the center and the carbon burning shell (cf. Figs. C1, C2 in Schwab et al. 2016) . The conditions in the center are shown in the top left panel, while the conditions at T max are shown in the top right panel. In single stars, where mass loss is due to stellar winds instead of RLOF, we find a steady increase of the maximum temperature as a result of core growth due to helium and carbon burning. In this case, the CO core is not massive enough to reach neon ignition, and as can be seen in the top right panel, the temperature reaches a maximum and then decreases again, showing a characteristic hook. This hook can be understood as the whole core now succumbing to intense cooling as a result of thermal neutrino losses, and the mass coordinate of T max moving outward to lower densities, eventually merging with the carbon burning shell. If the core, however, is more massive (see middle and bottom panel of Fig. 7) , the conditions at T max become conducive for neon ignition (shown by the blue dashed line crossing the Ne = ν line), causing the core to expand (shown by the hook in the blue dashed line in the left middle and left bottom panels). In the case of a CO core with a mass of 1.38 M ignition takes place at a radial mass coordinate of 0.95 M , with ignition closer to the center for higher M CO ).
When we compare, however, the evolution of the primary star in a binary (affected by significant past and ongoing mass loss) with the evolution of a single star as described above, we find some remarkable differences. The red lines in the middle and bottom row of Fig. 7 are for a binary component with the same M CO as the single star shown in these panels. As can be seen in the middle left panel (M CO = 1.38 M for both models), carbon burning in the binary component (M init = 13.8 M , P init = 9 days) takes place at a slightly higher density than in the single star, a consequence of the compacter core that has developed as a result of prior Case B RLOF. During the contraction phase after core carbon burning, however, the core cools down whereas the core of the single star heats up. The evolution of T max is also different, with the single star rapidly evolving toward conditions conducive for neon ignition, but the binary component reaching a maximum temperature of log(T /K) = 8.97, by far not sufficient for neon ignition. The situation is similar for the binary model in the lower panel (M init = 15.0 M , P init = 9 days), which develops a CO core with a mass of M CO = 1.51 M . This is far above the accepted M CO for neon ignition in single stars, but our model fails to produce sustained neon burning, even though it briefly develops conditions conducive for neon ignition.
This difference in minimum M CO needed for neon ignition between single stars and binary stars is also seen in Fig. 8 (left panel) where we plot the final M CO against the maximum temperature that a core attained during its evolution. The horizontal dotted line shows the approximate temperature that is necessary for neon to ignite, and forms the boundary between CCSN and ECSN. For simplicity we take a value of log T /K = 9.1, although this might vary slightly depending on the density as the right panel shows. The red crosses represent single star models with initial masses from 12.0 − 13.0 M (spaced by 0.05 M ). These cross the Ne = ν line at M CO = 1.37 M , in good agreement with Nomoto (1984) ; Jones et al. (2013) ; Takahashi et al. (2013) ; Schwab et al. (2016) . The filled symbols represent several binary model runs. Binary Sequence A consists of stars with initial parameters: M 1 = 13.8 − 15.2 M (spaced by 0.1 M ), q = M 2 /M 1 = 0.8, and P init = 15 days. Binary Sequence B consists of stars with initial parameters: M 1 = 13.5 − 15.5 M (spaced by 0.1 M ), q = M 2 /M 1 = 0.9, and P init = 20 days. Binary Sequence C consists of stars with initial parameters: M 1 = 13.6 − 15.2 M (spaced by 0.1 M ), q = M 2 /M 1 = 0.8, and P init = 9 days. All sequences have a mass transfer efficiency of β = 0.5. They all converge on one line, and as can be seen in the left panel of Fig. 8 , the slope of this line is lower, and the maximum mass for neon ignition is shifted to considerably higher M CO compared to the single star models. This line only crosses the Ne = ν line at M CO = 1.52 M . The conclusion is that stars in binaries, experiencing high RLOF mass transfer rates, need M CO > 1.52 M to be able to develop conditions that will lead to neon ignition. In the right panel of Fig. 8 we plot the maximum temperature attained by the binary sequences and the single star sequence on a T −ρ diagram. The fact that all sequences converge onto one line is compelling evidence that the CO cores in binaries behave physically the same, but undergo much stronger cooling than their single star counterparts, resulting in higher M CO needed to ignite neon. Alternatively one could argue that these cores have, as a result of RLOF contracted to such high densities already, that further contraction is not able to raise the temperature in their cores to levels that could start neon ignition. To this effect, the neon ignition boundary shown in Fig. 12 and Fig. 13 is positioned at a M CO = 1.52 M , which we take as the boundary between possible ECSN progenitors (lower masses) and CCSN progenitors (higher masses). See Appendix A for evidence that this shift in critical M CO for neon ignition is independent of the adopted treatment of convective boundaries or the inclusion of overshooting.
THE EVOLUTION OF THE COOLING CORE TOWARDS ECSN
As argued by Takahashi et al. (2013) , core contraction leading up to an ECSN goes through four dis- tinct phases: First, neutrino cooling; second, core mass growth; third, electron captures on 24 Mg and 20 Ne and finally O+Ne deflagration. As our models show much stronger cooling than single star models, the question is how this will affect the subsequent evolution toward electron captures. Based on our models we see three possible scenarios, which all could be realized in various systems, depending on the initial conditions. The first possibility is based on scenario proposed by Paczyński (1971) and further developed by Schwab et al. (2015) ; Brooks et al. (2016) . In this scenario, the ONe core continues to increases in density and electrons become increasingly degenerate. As a result, the evolution of the core is more and more dominated by the balance between compressional heating and neutrino cooling. Compressional heating is a result of the gravitational contraction and core growth due to helium and carbon shell burning, while neutrino cooling is primarily due to thermal neutrino emission. As the density increases and the core temperature decreases, cooling due to plasma-neutrinos becomes less efficient, and eventually compressional heating slows down the cooling of the core. At some point in time, the neutrino cooling timescale, τ ν = c p T / ν , equals the compression timescale, τ comp = (d ln ρ/dt) −1 , and the evolution of the core will proceed along a trajectory which is primarily dependent on the core growth rate (Paczyński 1971; Brooks et al. 2016) . When high enough densities are reached, URCA processes will accelerate the contraction of the core toward densities where electron captures on 20 Ne and 24 Mg will induce core collapse.
The second possible evolutionary scenario is prompted by some indications in our models that the primary enters a final mass transfer episode. Many of our models developed significant envelope instabilities during the final stages of their evolution (case ABC or BBC), which drove mass transfer rates up considerably. It is possible that this final episode of mass transfer removes the entire envelope, after which the remnant shrinks and mass transfer ceases, leaving a massive ONe core with possibly a thin CO shell around it. As this core is not able to grow anymore it will cool down and leave a massive, super-Chandrasekhar ONe WD. Evidence for super-Chandrasekhar white dwarfs comes from several peculiar Type Ia supernovae, e.g. To account for these super-Chandrasekhar cores, however, a strong magnetic field is required, and as we did not take magnetic fields into account in our models, we are not able to verify the existence of magnetic fields in these massive ONe cores.
The third possible scenario also takes its cues from the final mass transfer episode, but suggests that the intensity of the mass transfer will lead to the secondary filling its Roche lobe, leading to common envelope evolution. If this scenario develops, the binary components will enter a spiral-in phase with the orbital period significantly decreasing. The outcome of this scenario cannot be predicted at this time.
To investigate in more detail the final phase in the lives of our stars, and to establish evidence for any of these three scenarios, we continued several of our models beyond the endpoint of our regular grid (see Sect. 2.2 for details). All models that we evolved further, developed significant envelope instabilities during the final stages of their evolution (case ABC or BBC), leading to high mass transfer rates. While the reliability of these high rates can be questioned, the behavior itself is characterized by periodic variations in luminosity, stellar radius and hence mass loss rate, and has many similarities with the instabilities observed in models of red super giants (Heger et al. 1997 ). This final mass loss episode is very short and removed all or almost all of the remaining helium envelope, leaving a bare CO shell around a massive ONe core. The period of the oscillations we found is in the order of 4-8 years, which is in good agreement with the findings of Yoon & Cantiello 2010; Paxton et al. 2013 . However, the instabilities can have either a physical or numerical origin (Lau et al. 2012) , and assessing their validity necessitates a comprehensive resolution study, requiring a substantial number of models each consisting of a large number of time steps. As this kind of resolution study is outside the scope of this paper, we recomputed the late stages of several of our primaries by taking them outside of the binary and including an artificial viscosity term which allows for damping of the pulsations . We also applied several different fixed mass loss rates to the models, to simulate a variety of possible mass transfer rates that could be attained in this final RLOF episode. All of these models, however, also ran also into instabilities, albeit at a higher density than the instabilities that occurred when they were still in the binary. Although we got an indication of their subsequent evolution, we were not able to follow the core evolution all the way to high enough densities for the onset of the URCA process or electron captures to be found. Fig. 9 shows the evolution of two identical cores in a ρ c − T c diagram, one with a fixed mass loss rate ofṀ = 10 −3 M /year and the other withṀ = 10 −9 M /year. The dashed lines are lines of constant neutrino cooling timescales, calculated using the pyMESA package (Farmer 2017) . As can be seen, the model with a high mass transfer rate ofṀ = 10 −3 M /year continues its cooling trend, as it loses its entire envelope and even eroding the core, preventing any further core growth and possible ensuing contraction. This led to a massive ONe WD with a mass of 1.42 M . The model with a low mass transfer rate ofṀ = 10 −9 M /year slows down its cooling and gives an indication that it might converge onto a common ρ − T line (Paczyński 1971 , Nomoto 1984 and also observed in Fig. 4 in Takahashi et al. 2013) , somewhere between the τ ν = 10 4 yr and τ ν = 10 5 yr line. The expectation is that this model will continue to contract, reaching higher and higher densities, aided by the URCA process, eventually leading to conditions that are conducive for electron captures to occur. This path will depend on the core growth rate, as argued by Brooks et al. (2016) , and only detailed stellar models, which are able to avoid the discussed envelope instabilities, will provide us with clarity regarding this scenario.
As this scenario is the only course of events that will lead to an ECSN, we will adopt this to determine the initial conditions of close binaries that will produce ECSN. As the Chandrasekhar mass forms the mass limit for stable white dwarfs, we could take M Ch = 1.4 M as the lowest possible mass for ECSN. However, our models do not give any indications that cores between 1.38 M and 1.4 M could not undergo this scenario, so in the most optimistic case, the minimum M CO for ECSN is 1.38 M , identical to the canonical limit for ECSN in single stars. The upper mass limit for ECSN is given by M CO = 1.52 M , as argued in Sec. 4.2.
PROGENITOR STRUCTURE
The progenitor structure provides significant information regarding the explosion dynamics and the weak and nuclear reactions which can occur in the event of a supernova explosion. The top four panels in Fig. 10 show the chemical structure of our Case A model (Sec. 3.1) and our early and intermediate Case B models (Sec. 3.2) . In addition we also provide the chemical structure of a model with a super-Chandrasekhar CO core (M CO = 1.51 M ), which evolved from the initial parameters M 1 = 15.0 M , M 2 = 12.0 M , P init = 9 days and β = 0.5. All models show a ONe core with a small amount of Mg. The 12 C layer is very thin and forms the transition from the dense core to the low density envelope. The density structure is shown in the bottom two panels and shows a steep density gradient at the transition from the core to the envelope. This steep gradient resembles the steep gradient that is characteristic of SAGB models (c.f. Jones et al. 2013 , Fig. 7 ). Temperature profiles are also plotted and show an off-center temperature maximum at a radial mass coordinate close to the carbon burning shell (indicated with a green diamond), indicating that the entire core is cooling.
If these cores are able to explode, the steep density gradients separating the core and the envelope will give rise to a relatively weak and fast explosion, producing a small natal kick, compared to the large natal kick (in the order of 400-500 km s −1 ) experienced after stronger and slower CCSN (Kitaura et al. 2006; Janka et al. 2012; Janka 2017 ). This dichotomy between small and large natal kick could possibly explain the bimodal distribution in spin period and orbital eccentricity of X-ray bina- ries (Podsiadlowski et al. 2004; Knigge et al. 2011) . It is also relevant in the context of double neutron star mergers, where the system remains bound even after experiencing two supernova explosions. This requires at least a small kick in the second supernova, but possibly also significantly smaller kicks in the first supernova, which appears at least possible given the density structure of our models (Beniamini & Piran 2016; Tauris et al. 2017 ).
THE MASS RANGE FOR ECSN
Based on our results described above, we are now in the position to discuss the parameter space where conditions for ECSN are favorable. A total of approximately 45,000 binary sequences were calculated to investigate the ECSN channel in binary stars. A small fraction of the models (approximately 2000) the majority with initial conditions that bring them close to evolving into a contact system, suffered numerical instabilities during their evolution and were terminated because of that. These models were ignored in the final analysis. Most models, however, capture the evolution of the stellar models through carbon burning and the formation of an ONe core, unless the system developed contact. The final fate of our models can therefore be characterized by six different outcomes, which are summarized below and shown in Fig. 11 for one particular combination of parameters, i.e. β = 0.5 and q = 0.7. The full grid is shown in Fig. 12 and will be discussed in more below.
• (Short-P-contact) Models with a short initial period (P init ∼ < 2.5 days at q = 0.9 and decreasing to P init ∼ < 1.5 days at q = 0.7) will develop a contact system as the primary fills its Roche lobe during the main sequence and subsequent mass transfer shrinks the orbit so much that also the secondary fills its Roche lobe and contact ensues. These models are not shown in Fig. 11 , but the results agree with Wellstein et al. (2001) .
• (Long-P-contact) Binary systems with a long initial period will develop contact as well, due to the high mass transfer rates which prevent the secondary to adjust sufficiently fast enough to avoid filling its Roche lobe (indicated with yellow symbols). The late Case B model described in Sec. 3.2 is part of this class.
• (ONe WD) Models with a low initial primary mass ( ∼ < 13.5 M ) will develop a massive ONe WD (indicated with green symbols).
• (CCSN) Models with a high initial primary mass ( ∼ > 15.2 M ) will develop neon burning and will evolve toward a CCSN (indicated with red symbols).
• (Case B ECSN) Models with a period between ∼ 4 days and an upper bound that depends on the values of β and q and initial primary masses of ∼ 13.5−15.2 M develop Case B mass transfer and a CO core that falls with a mass between 1.37 M and 1.52 M (indicated with blue symbols, ECSN -Case B). • (Case A ECSN) Models with an initial period that is between ∼ 2.5 and ∼ 3.5 days (depending on the value of q) will develop late Case A mass transfer. As the development of the helium core is significantly hampered by this mass transfer, the primary initial mass range shifts to higher initial masses with respect to Case B systems (indicated with blue symbols, ESCN -Case A).
In Fig. 11 we show these final evolutionary outcomes for a particular combination of parameters, i.e. β = 0.5 and q = 0.7 (compare also with Wellstein et al. 2001 , Fig. 12 ). As argued above, while in single stars CO cores with masses between 1.37 M and 1.42 M will result in an ECSN, in binary stars these ranges could possibly be as wide as 1.37 − 1.52 M . ECSN progenitors have a minimum mass of 13.7 M which increases to 13.9 M for early Case B systems (analogical to the much larger shift in initial mass for Case A systems). The upper mass limit for ECSN progenitors is found at 15.1 M with a slight shift to higher initial masses (15.3 M ) for early Case B systems. This boundary forms the transition to progenitors that develop neon burning. Case A ECSN progenitors can be found at P init = 3 days, between M 1 = 15.7 M and M 1 = 16.4 M . For this particular combination of q and β, the minimum period for systems to develop contact decreases from about 20 days at M 1 = 13.5 M to ∼ 10 days at M 1 = 16.5 M . This limits the number of ECSN candidates at higher initial masses, but also the progenitors that develop neon burning.
Plotted in Fig. 12 are all ECSN and CCSN progenitors (respectively red crosses and blue crosses) in our entire parameter space as a function of initial primary mass and initial period, with four different values of the mass ratio q plotted horizontally (q = 0.6, 0.7, 0.8, 0.9), and four different values of β plotted vertically (β = 0, 0.25, 0.5, 0.75). The approximate boundary between contact and contact-free systems is indicated by a dashed line. This line is a third order polynomial fit to the maximum contact-free period, and hence should be taken as an approximation. M CO between 1.37 M and 1.52 M are indicated with contour lines at M CO = 1.4, 1.43, 1.46, 1.49 M .
As can be seen, most combinations of q and β behave qualitatively similar, especially with respect to the position of the initial mass limits for ECSN, although the boundaries between contact systems and non-contact systems shift for various combinations of q and β. A general trend (except for β = 0.75 with q = [0.7, 0.8, 0.9]) can be seen such that for lower initial primary masses contact-free systems can be found toward longer initial periods. This is the result of lower mass transfer rates due to RLOF at lower masses (c.f. Fig. 4) , which allows the secondary to adjust to the mass accretion, instead of overflowing its Roche lobe. For lower values of q (i.e. a larger difference between the initial primary and secondary mass) we see the boundary between contact and non-contact systems shift to shorter period. As the mass difference is larger for low q, the size of the Roche lobe of the secondary is smaller, and once mass transfer starts, it is easier for the secondary to fill the Roche lobe and develop contact. This effect is stronger for more efficient mass transfer, as it is more difficult for the secondary to adjust its radius in response to the larger amounts of accreted mass. As can be seen in Fig. 12 , upper left corner, systems with q = 0.6 and β = 0, 0.25 all develop contact. A clear trend is visible for less efficient mass transfer toward more contact-free systems at long periods. As more matter leaves the system, less matter is accreted onto the secondary, which does not fill its Roche lobe until longer periods.
For most combinations of q and β, the initial primary mass for ECSN is confined to a narrow range between 13.6 M and 15.1 M for Case B systems and between 15.5 M and 17.6 M for Case A. For fully conservative evolution (β = 0) the initial periods for systems Case B mass transfer that result in an ECSN are confined to P init < 10 days and mass ratios q > 0.75. Several Case A systems are found for initial primary masses between 15.8 M and 16.4 M at a period of 3.5 days. All Case B systems for mass ratios below 0.7 develop contact, however, there are Case A systems with an initial period of 3 days and initial primary masses between 15.8 M and 16.3 M . This is in good agreement with Wellstein et al. (2001) who find that Case A systems avoid contact for lower q compared with Case B systems.
For non-conservative evolution the mass range for ECSN barely changes, however, the range in initial periods does increase. For β = 0.25 (25% of the mass lost from the primary star is expelled from the system) the maximum period increases to about ∼ 15 days for a mass ratio near unity and decreases to 10 days for a mass ratio of 0.70. For non-conservative evolution with β = 0.5 (50% accreted, 50% expelled) the maximum initial period for Case B systems increases to 33 days for q = 0.9, to 25 days for q = 0.8 and to 17 days for q = 0.7. The systems discussed in Section 3 are part of this data set. Case A mass transfer leading to ECSN occurs for all mass ratios, while Case B mass transfer is still limited to 0.7 < q < 1.
The situation for the non-conservative case with β = 0.75 (75% expelled, 25% accreted) is a bit different as the maximum period for ECSN formation increases from 50 days in the q = 0.9 case to 57 days in the q = 0.7 case. Models with a value of β = 0.75 form the only instance for q = 0.6 that shows ample evidence for Case B systems able to evolve to a ECSN. These Case B systems are found between 13.7 M and 15.0 M with an initial period between 4 days and 45 days.
DISCUSSION AND CONCLUSIONS
We have presented models of close binary systems where the primary star could potentially be the progenitor of an ECSN. While the mass range for ECSN in single stars is fairly narrow (Poelarends et al. 2008) , the mass range for ECSN in binary stars is thought to be much wider as the effects of mass loss due to Roche lobe overflow are thought to mitigate the effects of the second dredge-up in single stars (Podsiadlowski et al. 2004 ). In single stars, this second dredge-up reduces the mass of the helium core below the Chandrasekhar mass (in the relevant initial mass range) and makes that the possibility for an ECSN depends on the outcome of the race between core-growth and envelope mass loss during the SAGB (Poelarends et al. 2008; Takahashi et al. 2013) . If the core is able to contract to high enough densities so that electron captures on 24 Mg and 20 Ne can commence, heating as a result of these electron captures will cause O+Ne burning at the center, and O+Ne deflagration propagates outward. Core contraction is further accelerated by electron captures in the central nuclear statistical equilibrium region, resulting in a weak Type II supernova (Takahashi et al. 2013; Kitaura et al. 2006 ). However, if mass loss removes the envelope fast enough so that the core is not able to reach those critical densities, the star will evolve into a massive ONe white dwarf.
Our study, however, has focused on binary systems instead of single stars and attempts to answer two major questions concerning: First, are binary systems indeed capable of producing and ECSN, and, second, what is the expected region in the (M 1 , M 2 , P init ) phase space that we can expect these ECSN to occur? We have investigated these questions by running approximately 45,000 binary models in the relevant phase space.
The Possibility of ECSN from Close Binary Systems
Based on single star models there is consensus in the literature that a star will experience an ECSN when M CO is somewhere between ∼ 1.37 and ∼ 1.42 M (see for example Woosley & Heger 2015; Tauris et al. 2015; Moriya & Eldridge 2016 , who all adopt similar values). Tauris et al. (2015) , in the context of ultra-stripped supernovae, use as a "rule of thumb" (based on single star models) that the upper boundary for ECSN is given by stars that develop a post-carbon burning central temperature above their carbon burning central temperature as these conditions will lead to an iron core collapse. In this case the ignition of neon and oxygen burning will eventually convert the composition of the entire core into 28 Si and 32 S, bringing the chance for contraction due to electron captures to an end. Their lower boundary is given by the ONe WD threshold of 1.37 M , as these cores are not able to contract to sufficiently high densities where electron captures can commence.
Based on the models presented above, however, we question whether these boundaries can be applied to stars in a binary system, as mass loss driven by Roche lobe overflow, especially after central carbon burning drives the star out of thermal equilibrium, leading to significant expansion and a much stronger cooling in the core than in single stars. While in single stars the effect of neutrino cooling is compensated by heating due to core growth, keeping the central temperature of the star roughly constant during the post-carbon burning contraction (Nomoto 1984) , in binary stars the cooling is enhanced by mass loss.
However, if cooling due to thermal neutrino losses and heating due to gravitational contraction come into equilibrium as argued in Sec. 5, the central conditions will eventually follow a common evolutionary track in the ρ c − T c plane and the core will be able to evolve to conditions that are conducive for electron captures to commence. Nevertheless, many ingredients for this contraction are different from the evolution of single stars, and a simple comparison of single and binary evolutionary tracks in the ρ c − T c plane to deduce their final fate is not possible. This scenario would apply to all cores that do not ignite neon (M core 1.52 M ) down to the effective Chandrasekhar mass (∼ 1.40 M ) or possibly even ∼ 1.37 M and deserves further investigation.
In case the primary star loses its entire envelope and is not able to contract to densities high enough for electron captures to commence, there is still an alternative scenario that could lead to an ECSN. Once the secondary leaves the main sequence, its expansion will give rise to reverse Roche lobe overflow (De Donder & Vanbev-eren 2003; Zapartas et al. 2017 ). This will likely happen not immediately, as the binary separation has grown to ∼ 1000 R . Eventually, however, only a tiny bit of mass accretion onto the ONe white dwarf will heat up the cold white dwarf, allow core growth to resume, reheat the core and possibly give rise to conditions that are conducive for electron captures to accelerate the heating process. This will ultimately, although delayed compared with the direct explosions described above, result in the collapse of the core and the formation of a neutron star (Nomoto 1984; Dessart et al. 2006; Schwab et al. 2016 ).
Comparison with Previous Work
The results presented in this paper differ significantly from earlier studies that evaluated the existence of ECSN in binary systems. The first paper to discuss such supernovae in binaries was Podsiadlowski et al. (2004) who concluded that, based on models by Wellstein et al. (2001) , initial primary masses between 8 M and 17 M would be expected to evolve into an ECSN. This estimate was based on the helium core criterion developed by Nomoto (1984) who showed that helium cores between 2 M and 2.5 M lead to conditions where electron captures will kick off the collapse of the core.
Despite the differences, many of the fundamental ideas in Podsiadlowski et al. (2004) are confirmed by this paper. While their inference was based on only a handful of models that established the relationship between the initial mass and final helium mass of stars in close binary systems, our detailed grid confirms indeed that the spread in M CO is fundamentally a result of the period, and that the difference in timing of Roche lobe overflow between Case A and Case B systems will result in Case A systems developing smaller cores, effectively shifting their initial mass-final core mass relationship toward higher initial masses.
Our research, however, provides several improvements on Podsiadlowski et al. (2004) . First of all, the helium core criterion, developed by Nomoto (1984) might work well for single stars, it, however, gives less accurate results for binary stars. The main reason for this is that primaries in close binary systems suffer from significant mass loss due to RLOF, either during the main sequence or in the Hertzsprung gap, which considerably affects the development and mass of the helium core, either directly by erosion, or indirectly through the adjustment of the star to mass transfer. Although the CO core is not directly affect (i.e. eroded) by mass transfer due to RLOF, there is still an appreciable difference between the evolution of CO cores of the same mass in single stars and in binary systems, as Fig. 8 shows. Secondly, whereas Podsiadlowski et al. (2004) expected that mass loss due to Roche lobe overflow would prevent the second dredge-up from happening, we find that mass loss actually has a very similar effect in reducing the mass of the helium core. Indeed, the second dredge-up was avoided, but the mass of the hydrogen envelope and sometimes the underlying helium layer was significantly reduced. Evidence for this erosion of the helium layer was already present in Wellstein et al. (2001) , however, it was not considered in Podsiadlowski et al. (2004) . Third, our models show that the role of mass loss in the final evolution toward electron captures is much larger than was previously thought. Cores undergoing significant mass loss compensate for this by expansion and enhanced cooling. This leads to massive ONe cores (up to ∼ 1.52 M ) that are able to avoid neon ignition. If the ONe core is able to contract to high enough densities to cause the conditions for electron captures to occur we expect a maximum mass range for Case B systems that is ∼ 2 M wide and a maximum mass range for Case A systems that is ∼ 3 M wide. When we combine both mass ranges, the maximum mass range for ECSN from binary systems runs from an initial primary mass of ∼ 13.5 M to ∼ 18 M , a width of ∼ 4.5 M , which is significantly narrower than the prediction of Podsiadlowski et al. (2004) but much wider than the initial mass range for single stars (roughly 0.25 M , Poelarends et al. 2008 ). The use of a different convection criterion (e.g. Schwarzschild instead of Ledoux, more efficient semiconvection, or additional convective boundary mixing), will translate the mass range to lower values (possibly somewhere around ∼ 10 − 15 M ), without affecting the primary conclusions of this paper (c.f., Appendix A, Doherty et al. 2010 ). This will be further explored in a future publication. Even so, the improvements of the models that we have presented there provide a picture that makes the possibility for ECSN from close binary systems much less likely than originally thought.
Our models are in broad agreement with the results of Tauris et al. (2013 Tauris et al. ( , 2015 . While their research is focused on helium cores orbiting a compact object, the general evolutionary picture shows lots of similarities (compare Fig. 18 in Tauris et al. 2015 with our Fig. 12 ). As it is not clear which role mass loss plays in their models, especially during and after carbon burning, we don't know whether our results are applicable to their situation. Regardless, more research is needed to accurately describe the evolution of massive ONe cores at high densities, whether they converge onto a common evolutionary track in the ρ c − T c plane and are able to contract to sufficiently high densities for electron captures to destabilize the core, or that they continue to cool down and avoid electron captures all together. Much of this will determine the exact mass range of ECSN in binary systems as neither the mass of the CO core, nor the track in the ρ c −T c plane, are, according to our models, sufficient to uniquely determine the final fate of these stars.
The Expected Initial Mass Range for ECSN in Close Binary Systems
If we assume that continued core contraction after mass loss ceases will eventually converge the evolution a core onto a common evolutionary track in the ρ c − T c plane toward electron captures, we are able to characterize, within the limits of our assumptions on the treatment of convection, overshooting, mixing, and accretion, the initial mass range for ECSN. Figure 13 provides a different way of looking at our dataset, showing the final M CO as a function of the initial primary mass. The horizontal dashed red line at 1.52 M indicates the maximum M CO that avoids neon ignition, and hence forms the upper boundary of the ECSN range. This upper boundary could be shifted to even higher M CO if neon flames are able to stall (Jones et al. 2014) , leaving the chemical composition in the center unaltered and allowing for subsequent electron captures to occur. Most work on stalling flames has been done in the context of carbon flames by Denissenkov et al. (2013 Denissenkov et al. ( , 2015 ; Farmer et al. (2015) whose research suggest that efficient convective boundary mixing can disrupt inwardly propagating carbon flames, however Lecoanet et al. (2016) find that hybrid cores are unlikely. We defer to future work the investigation of quenched neon flames which might influence our upper boundary for M CO leading to ECSN. The horizontal dash-dotted green line at 1.4 M indicates the Chandrasekhar mass for a composition of 50% neon and 50% oxygen. The horizontal dashed red line at 1.37 M indicates the lowest possible CO core mass that is able to evolve into an ECSN.
Two distinct sequences are visible in each panel (cf. Wellstein & Langer 1999 , Fig 5b) , Case B models (on the left) and Case A models (on the right). The reason that Case B and Case A systems are separate is that mass loss during the main sequence reduces the hydrogen burning core, effectively shifting the ECSN range for Case A systems to higher initial masses. The scatter in the vertical direction can be attributed to a spread in initial period, with models toward the lower end of the sequence originating from low period binaries, while models toward the higher end of the sequence originating from higher period binaries, giving rise to smaller, resp. larger CO cores (c.f. the discussion in Section 3, see also Wellstein et al. 2001) . As argued in Sec. 7, initial periods that are longer than our ECSN candidates lead to contact systems, while initial periods that are shorter than our ECSN candidates lead to either a CO core below the critical mass for neon ignition, or to a Case A contact system. Thus it appears that for a given initial primary mass the initial period will allow for a certain spread in final M CO . However, the key factor that determines the location of the ECSN channel is the initial primary mass. While the number of models that are able to produce CO cores that are favorable for the development ECSN increases with increasing β the ECSN mass range itself does not really shift. This is true for both the Case A ECSN channel as for the Case B ECSN channel. If we allow all CO cores with 1.37 M ≤ M CO ≤ 1.52 M to eventually explode as an ECSN we find an initial mass range for ECSN between 13.5 M and 15.25 M for Case B systems and between 15.4 M and 17.6 M for Case A systems. This mass range is indicated in Figure 13 with arrows marked "Case B -max" and "Case A -max", respectively. If we confine the cores that are able to evolve into an ECSN to M CO between the Chandrasekhar mass (1.40 M ) and 1.52 M the initial mass range for ECSN narrows to 14.2 M and 15.25 M for Case B systems and between 16.1 M and 17.6 M for Case A systems. This mass range is indicated in Figure 13 with arrows marked "Case B -min" and "Case A -min", respectively. Both channels are slightly offset from the single star ECSN channel, which, for the chosen input physics and convection criterion, is located between 12.7 M and 13.2 M , based on 1.38 M ≤ M CO,single ≤ 1.42 M . This difference in initial masses is small and probably difficult to detect observationally in a population consisting of both single and binary stars. As our input physics in terms of convective mixing is similar to Wellstein et al. (2001) , i.e. we don't take into account additional mixing such as convective overshooting or exponentially decreasing diffusion Herwig (2000) , we expect that this initial mass range might shift to lower initial masses by 2 − 3 M if additional mixing is taken into account. It should, however, not have significant effects on the evolution or the structure of the models or any of our further conclusions (see App. A).
It is worth noting that more ECSN are predicted for systems with a mass ratio close to unity, as the development of contact happens at longer period for higher q systems (see Fig. 12 ). As the primary star starts transferring mass to the secondary, the orbit shrinks, until the mass ratio is reversed. This reversal happens earlier for mass ratios close to one, and later for lower mass ratios, increasing the chance for contact . This primarily affects the numbers of ECSN, not so much the initial mass range (except for Case A systems). This is also true for the value of β, which controls the amount of matter that is lost from the system (i.e., β = 0 is conservative mass transfer, no mass that is transferred from the primary to the secondary is lost from the system; β = 1 is completely non-conservative mass transfer, all mass that is transferred from the primary is lost from the system, no accretion onto the secondary). For the sake of our parameter study we chose various fixed values of β, while the mass transfer effi- ciency in real systems varies in time and will depend on the evolutionary phase of both stars, the amount of matter already accreted onto the secondary and how that has affected its spinrate. Several mechanisms have been suggested which control the efficiency of mass transfer, mass accretion and mass loss, including the existence of an accretion disk that regulates the amount of mass and angular momentum that can be accreted (Paczyński 1991; Popham & Narayan 1991; Deschamps et al. 2013) , the necessity of the secondary to stay below critical rotation (Packet 1981) , and the effects of tides on the stellar spins and the stellar orbit (Zahn 1977; Hurley et al. 2002) . Work by Deschamps et al. (2013); van Rensbergen et al. (2008) for systems with slightly lower masses suggests periods with values of β close to 1 (i.e. very inefficient mass transfer), while simulations with a strong tidal interaction (i.e. a short spin-orbit synchronization timescale) suggest shorter periods of moderately inefficient mass transfer . Although our models suggest that the efficiency of mass transfer does not really affect the mass range for ECSN, it does, however, strongly affect the range of initial periods that can lead to an ECSN. In addition, the evolution of the secondary will be affected. It will most likely rapidly spin up after the onset of mass transfer and maintain near-critical rotation for possibly extended periods of time. This will induce strong rotational mixing (Langer 2012; de Mink et al. 2008a de Mink et al. , 2013 , causing possibly quasi-chemically homogeneous evolution (Maeder 1987; Langer 2012) and alter the evolution of the star beyond just the simple fact of mass accretion (Hirschi et al. 2004; de Mink & Mandel 2016; Marchant et al. 2016 ).
Although it is not clear to what extent this will affect the incidence of ECSN, the effects of tides, mass and angular momentum transfer and loss, and near-critical rotation of the secondary are possibly important and will be discussed in a forthcoming paper, in addition to the effects of additional mixing and convection criteria. If the scenario for the formation of ECSN in binaries, as discussed in this paper, turns out to correct, the binary ECSN channel might contribute to the population of NS+NS systems that can be observed with aLIGO/Virgo (Côté et al. 2017 ). Precursors to these NS+NS systems will be visible as Be/X-ray binaries (Knigge et al. 2011; Shao & Li 2014) . With the discovery of GW170817 (The LIGO Scientific Collaboration et al. 2017a), electron-capture supernovae have been propelled into the spotlight (The LIGO Scientific Collaboration et al. 2017b) . As the progenitors of NS+NS collisions have to survive two supernova explosions, while still remain bound, ECSN are promising candidates as the NS kick is expected be much smaller for ECSN than for CCSN (Podsiadlowski et al. 2004 ). While our research has focused on the first supernova in a binary system, low natal kicks from ECSN are particularly relevant in the second explosion (Tauris et al. 2017) . However, our conclusion that CO cores with masses up to 1.52 M can produce ECSN is potentially relevant in determining the final fate of so-called ultra-stripped supernovae, the second supernova in a NS+NS system (Tauris et al. 2013 (Tauris et al. , 2015 (Tauris et al. , 2017 The models presented in this paper use the Ledoux criterion for determining convective boundaries, and a small amount of semi-convection, α sm = 0.01. In order to investigate the robustness of our results against differences in the treatment of convection, we calculated two sequences (similar to the ones presented in Sec. 4.2), one with a stronger semi-convection (α sm = 1.0) and the other using overshooting (f ov = 0.016, in the context of the Schwarzschild criterion). In this way we are able to determine whether the critical mass for neon ignition (in this paper found to be M CO ≈ 1.52 M ) shifts to higher or lower M CO with different convection criteria. Figure A1 shows these various sequences (including Binary Sequence A from Fig. 8 ), calculated with different treatments of convection. Each sequence was calculated with initial masses between 10.0 M and 15.5 M , for a mass ratio of q = 0.8, a period of 10 days and a mass transfer efficiency, β = 0.5. The sequence with α sm = 1.0 is shown with yellow symbols, and the sequence with Schwarzschild with f ov = 0.016 with blue symbols. . Maximum temperature attained in the core as a function of MCO (left panel) and as a function of the density at the mass coordinate of Tmax at the time of Tmax (right panel), for single stars (red crosses) and primary stars in a binary system (filled symbols) with various treatments of convection and overshooting. The dotted line in the left panel approximates the critical temperature for neon ignition, while the dotted lines in the right panel give the locations where the energy generation of neon burning is equal to, and 10 times exceeds the energy losses due to thermal neutrinos.
While we defer a full investigation to a future work, this initial investigation shows that each of these modifications results in a relationship between M CO and log T max that is similar to the one shown in Fig. 8 . This confirms that the critical mass for neon ignition in binary stars is not dependent on the adopted convection criterion, the efficiency of semi-convection, or the use of overshooting. However, each of these different modification does affect the initial mass range by shifting it to lower initial masses (c.f. Poelarends et al. 2008; Doherty et al. 2010 ).
B. THE EFFECTS OF VARIATION OF THE SPATIAL AND TEMPORAL RESOLUTION
As stellar models can potentially be quite sensitive to the spatial and temporal resolution, we conduct a small-grid resolution study to investigate the robustness of our models against spatial and temporal variations in resolution. While MESA has many parameters that control the temporal and spatial resolution in detail, the parameter w t controls the overall temporal resolution, and the parameter δ mesh controls the overall spatial resolution. The calculations described in this paper were computed with our baseline parameters w t = 9 × 10 −4 and δ mesh = 0.8. To investigate convergence of our models at a different resolution, we computed a sequence with w t = 9 × 10 −4 and δ mesh = 0.3 (increased spatial resolution), w t = 3 × 10 −4 and δ mesh = 0.8 (increased temporal resolution) and w t = 3 × 10 −4 and δ mesh = 0.3 (increased spatial and temporal resolution). The results are plotted in Fig. B2 diamonds, while the variations in w t and δ mesh are shown with plus signs. A minimal spread can be seen in the resulting M CO , with models with w t = 9 × 10 −4 slightly more massive than models with w t = 3 × 10 −4 . The middle panel shows the maximum temperature attained in the core, plotted against the CO core mass (similar to Fig. 8 ). This panel shows excellent model convergence in the mass range considered, with no impact due to changes in spatial or temporal resolution. The location of T max (shown in the far right panel) is a bit more sensitive to changes in the spatial and temporal resolution, but this can also be attributed to a steep relationship between M CO and M Tmax (c.f. Fig. C2 in Schwab et al. 2016 ). However, this variation has no impact on any of our results.
Based on this resolution study we conclude that our baseline parameters lead to good model convergence, and are comparable to models with a higher spatial and/or temporal resolution. The most notable difference is that our baseline models produce more massive cores than models with a higher spatial and temporal resolution. While this does not affect the relationship between the maximum temperature attained in the core and the CO core mass, a higher resolution grid would shift the initial mass range to higher initial primary masses.
